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magnetic reconnection model	

太陽における粒子加速研究 
太陽フレアによる粒子加速に 

伴って観測されるもの　　 
 

•  電子加速 
　- 電波: NoRH など 
　- 硬X線・γ線: RHESSI など 
　- 白色光: ひので, SDO/HMI,  
                地上観測など 
 

•  イオン加速 
　- 核γ線: RHESSI (<10MeV) 
　　　　　　　 Fermi (π0) 
　- 中性子: 太陽中性子望遠鏡 
　　　　　　　 中性子モニター等 

⇒ Solar-C の機器でどのような 
　　粒子加速現象が観測できるか？ 
　　どのような観測が粒子加速に寄与するか？ 



粒子加速と関連がある磁気リコネクション起源のMHD現象 

Solar-Cで観測可能な粒子加速関連現象 

加速域自体を観測 
 
EUVST 
加速域付近の電子
密度変化とその運動 
 
XIT-PC 
磁気リコネクション起
源のフローやショック 
 
非熱的な放射がどこ
に分布し、その空間
分布やスペクトルの
時間発展を見る 



non-thermal と言えば >20keV ⇒ <10keV で non-thermal 

Photon Counting での粒子加速研究 

Hannah et al.,  
2008	
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Figure 9. Left: Expected x-ray photon spectrum of a quiet Sun nanoflare assuming the heating observed in SXR (T=2 MK,
EM=1044 cm−3, Ethermal = 5×1025ergs, duration of 60 s) is produced by non-thermal electrons. Three spectra for different
turn-over energies are shown. The photon spectrum is assumed to be a power law with a slope of −5 above the turnover
energy, E0, and a slope of −1.7 below. The blue lines show the non-thermal spectra with perfect statistics and resolution;
the blue data points with error bars are the expected FOXSI measurements. The red curve shows the thermal spectra
(T=2 MK). Right: The count spectrum. At low energies, photons are absorbed by a beryllium entrance window while at
high energies the effective area of the telescope is reduced. The expected count rate for the three spectra shown are 14,
91, 245 counts per second, respectively.

are too high for the FOXSI data rate (i.e. above 300 counts s−1 det−1), mechanical attenuators can be put in
front of the detectors to reduce the low energy photon flux.
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Figure 10. An illustration of possible FOXSI science targets compared to the field-of-view. The field of view is defined as
the half power diameter (grey circles). The 30% level contour is also plotted. The main goal for FOXSI is to observe non-
thermal electrons through their HXR emission. The primary science targets are the (1) quiet Sun and (2) active-region
microflares. Other targets associated with non-thermal electron emission, in order of importance, are type I noise storms
(3), type III radio bursts (4), and flare loop-top emission (5).

Krucker et al., 2011	

•  RHESSI 小規模フレア統計解析: non-thermal energy >7keV 
•  静穏領域では、thermal 成分は <2keV 程度 
　　⇒ フレア初期のスペクトル変化を観測し、加速の進行過程を捉える 
•  limb フレアでコロナ中の暗いソース（loop-top）を捉える 
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「ひので」による粒子加速研究から 
2012/10/23  白色光フレア 
Hinode/SOT red & RHESSI HXR 

白色光と硬X線は良い相関（LC & 場所だけでなく、エネルギー的にも） 
⇒ 白色光は硬X線の代わりとしても使える（しかも分解能良し） 

 

SUVITでは高いケーデンスで撮像可能 ⇒ 時間発展が詳しく	



白色光イベントと非白色光イベント
の温度とEM (n2V)の関係（by北川） 

「ひので」による粒子加速研究から 
白色光フレア統計研究 

温度 vs Emission Measure	

Shibata & Yokoyama 1999	

L50 TEMPERATURE AND EM FOR SOLAR AND STELLAR FLARES Vol. 526

Fig. 1.—The log-log plot of emission measure vs. electron temperature of
solar flares (from Feldman et al. 1995), solar microflares observed by Yohkoh
SXT (from Shimizu 1995), four stellar flares (asterisks, from Feldman et al.
1995), a protostellar flare (diamond, class 1 protostar far-IR source R1 in the
R CrA cloud, from Koyama et al. 1996), a T Tauri stellar flare (diamond,
weak-lined T Tauri star V773 Tau, from Tsuboi et al. 1998), and a stellar flare
on AB Dor (K0 IV ZAMS single star) by BeppoSAX (cross, from Pallavicini
1999). The EM-T relation curves based on eq. (5) ( ) are su-!5 17/2EM ∝ B T
perposed on the EM-T diagram for , 50, and 150 G. The L = constantB = 15
curves (dot-dashed lines) based on eq. (6) ( ) are also superposed5/3 8/3EM ∝ L T
on this diagram.

Fig. 2.—Schematic illustration of a magnetic reconnection model of solar
and stellar flares, which includes heat conduction and chromospheric evapo-
ration (from Yokoyama & Shibata 1998). Note that the flare-loop density n
(as a result of evaporation) is different from the preflare density outsiden0
(above) the flare loop. The latter determines the speed of reconnection.

value (50–100 G; e.g., Rust & Bar 1973; Dulk 1985; Tsuneta
1996; Ohyama & Shibata 1998). On the other hand, if the
magnetic field strength is 50–100 G, the predicted flare tem-
perature is 30–60 MK, which is hotter than the observed solar
flare temperature of 10–20 MK. It is actually known that there
are superhot (20–40 MK) components in solar flares (e.g., Lin
et al. 1981; Masuda 1994; Nitta & Yaji 1997). According to
Masuda (1994), the emission measure of the superhot com-
ponent (i.e., the gradual loop-top hard X-ray source) is
1046–1048 cm , which is roughly 2 orders of magnitude smaller!3

than the emission measure of the main component of flare
plasma with a temperature of 10–20 MK. The maximum tem-
perature in equation (1) is closer to the temperature of the
superhot component rather than the temperature of the flare
loops with the largest emission measure. The numerical sim-
ulations of Yokoyama & Shibata (1998) also show that the
temperature of the plasma with the largest emission measure
is a factor of ∼3 lower than the maximum temperature given
by equation (1). The reason why the temperature of the flare
loops with the largest emission measure is lower than that of
the maximum temperature is the following: (1) A reconnected
loop shrinks to a shorter loop (see eq. [1]). (2) The heating
rate is not constant in time and is decreased to a smaller value
when the evaporated plasma fills the flare loop. Consequently,
the “flare peak temperature” T predicted by the numerical sim-
ulations is written as

6/7 !1/7 2/7B n L07T ! 10 K. (2)( ) ( ) ( )9 !3 950 G 10 cm 10 cm

As a result of chromospheric evaporation, the flare-loop den-
sity increases to n. This evaporated plasma is the source of

X-ray emission;

2 3EM ! n L . (3)

Here we assume . This is a very crude assumption,3V ! L
although observed aspect ratios of flare loops (loop width/loop
length) are 0.1–1 for solar microflares (Shimizu 1995) and solar
flares (Takahashi 1997). Recent Transition Region and Coronal
Explorer observations show finer loop structures (thinner
loops), although the “total width” (the sum of the finer loops)
should not be so different from the loop width found by pre-
vious observations with lower spatial resolution. Since this
evaporated plasma has a high gas pressure, we have to assume
that the magnetic pressure of the reconnected loop must be
larger than the gas pressure of the evaporated plasma in order
to confine the evaporated plasma in the loop and to keep the
flare loop stable. From this, it may be reasonable to assume

2B
2nkT ! (4)

8p

as an upper limit of the gas pressure. In fact, some of the
previous observations of postflare loops show that the gas pres-
sure of the flare loops is as high as the inferred magnetic
pressure (e.g., Tsuneta 1996). It is important to notice that the
flare-loop density n is different from the preflare density .n0
The flare-loop density n is determined by the evaporation pro-
cess and does not affect the reconnection process if the evap-
orated plasma is confined in the flare loop. In this case, the
reconnection speed (or Alfvén speed) is determined by the
preflare density outside the flare loop, not by n inside then0
loop (see Fig. 2 for a schematic illustration of our magnetic
reconnection model).

白色光イベントにはコロナ磁場が関連している？ 
 

SUVITでは彩層磁場の観測が可能 ⇒ 加速域に近い磁場の情報	



加速粒子による彩層ラインプロファイル 
Fang et al.(1993), Henoux et al.(1993), Fang et al.(2000) 
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Hα	
+数100keV電子	

Ca II K	
+数100keV電子	

Ca II K	
+100keV~1MeV陽子	

Hα	
+100keV~1MeV陽子	



イオン加速 - 太陽中性子観測 

RHESSI 
4.4 MeV 

中性子 
γ線 

イオン 

Cutoff = 500MeV 
δ- model 

γ- model 
Cutoff = 500MeV 

2005/09/07 太陽中性子イベント 
•  中性子がδ関数的に発生していた場合	

•  中性子がγ線と同時に発生していた場合	

= 中性子生成プロファイル	



Hua’s model 
(Hua et al., 2002) 

– Physical parameters – 
•  loop length 
•  pitch-angle scattering 
•  magnetic convergence 
•  ambient composition 
•  atmospheric model 
•  flare heliocentric angle 

– Acceleration parameters – 
•  acceleration release time  
  history 
•  spectrum 
  (power-law spectral index) 
•  accelerated ion composition 

イオン加速 - 太陽中性子観測 



 - Acceleration parameters – 
 

•  release time history : aion(t) 
•  accelerated ion composition :  
   impulsive 
   (α/p=0.5, 3He/4He=1) 
•  power-law spectral index : s 

 

 - Physical parameters – 
 

•  flare loop length : L = 36,800 km 
•  pitch-angle scattering : λ= 20 (saturated) ～ 40000 (none) 

•  magnetic convergence : δ= 0.0 (no) ～ 0.45 (strong) 
•  ambient composition : coronal (He/H=0.1, Ne/O=0.25) 
•  atmospheric model : Avrett, 1981 
•  flare heliocentric angle : θobs = 89°(S06 E89) 
•  photospheric 3He/H : 3.7×10-5 

中性子	
イオン加速 - 太陽中性子観測 

λ=2000 
δ=0.12 
 s =-4.42 
χ2=1.93	

彩層磁場が測定できれば、磁場のしまり具合を決定できる 

⇩ 
加速陽子がどの程度磁場にトラップされていたかが理解 



まとめ 
Solar-C 搭載各機器から得られる（と思われる） 

粒子加速に関する情報  
 

•  SUVIT 
-  白色光観測 ⇒ 硬X線放射のプロキシ 
-  彩層磁場観測 ⇒ ・ 加速域の磁場 
                             ・ 磁場のしまり具合（太陽中性子生成） 
-  ラインプロファイル観測（Ca II K, Hα） 
　　　⇒ >100keVの加速電子・陽子の情報 

 

•  EUVST 
-  加速域付近の電子密度変化とその運動 

 

•  XIT-PC 
-  磁気リコネクション起源のフローやショック 
-  加速域における加速電子のスペクトル（~10keV） 


