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太陽光球磁場の重要性
様々な表⾯面活動現象のエネルギー源、トリガー

SDO/HMI



静穏領領域の磁場
「静穏領領域磁束量量」  ≧  「活動領領域磁束量量」

グローバルダイナモ
で輸送された磁場

ローカルな磁気対流流
による磁場構造⽣生成

様々な太陽表⾯面活動
を引き起こす
Hinode/SOT



⼩小スケール磁場の重要性
静穏領領域では、より⼩小さいスケールの磁極間活動や
エネルギーのやりとりが⽀支配的だと想像される。
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(a) (b) (c)

Figure 3. (a) Resolution dependence of magnetic (red) and kinetic (blue) energy power spectra comparing simulations O32a–O2a. All the simulations reached about
80 G vertical mean field strength at τ = 1, and the grid spacing was varied from 32 to 2 km. The dotted line in panel (a) indicates a Kolmogorov slope of −5/3. (b)
Ratio of magnetic to kinetic energy as function of resolution. For grid spacings smaller than 16 km the magnetic energy is in super-equipartition on scales smaller
than about 100 km. For the highest resolution cases (4 and 2 km) we see some indication that the ratio might reach asymptotically a value around 2. (c) Resolution
dependence of the probability distribution function for |Bx | and |Bz|.
(A color version of this figure is available in the online journal.)

(a) (b)

Figure 4. (a) Normalized integrated magnetic energy spectra from Figure 3. For the highest resolution case (grid spacing of 2 km) 50% of the magnetic energy found
at the τ = 1 surface is present on scales smaller than 100 km. (b) Normalized integrated magnetic energy distribution functions. 50% of the magnetic energy on
the τ = 1 surface is found in fields with less than 500 G strength. Solid lines correspond to the O32a–O2a simulations with ⟨|Bz|⟩ = 80 G, dashed (dotted) lines
correspond to the O16b and O16bM simulations with ⟨|Bz|⟩ = 60 G.
(A color version of this figure is available in the online journal.)

(solid lines). The quantities shown are defined as

Sk =
∫ k

0 EM (k)dk
∫ kmax

0 EM (k)dk
(19)

SB =
∫ B

0 PDF(B)B2dB
∫ Bmax

0 PDF(B)B2dB
. (20)

The quantity Sk shows resolution dependence as expected from
Figure 3(a)). In the highest resolution case about 50% of the
magnetic energy in the photosphere on the τ = 1 level is
found on scales smaller than about 100 km. Properly resolving
the spectral magnetic energy distribution in the photosphere
requires grid spacings of 8 km or smaller. In contrast to this
the quantity, SB shows only little resolution dependence. In all
cases, 50% of the magnetic energy is found in regions with
|B| of less than 500 G. The Kilo-Gauss field contributes about
10% to the total magnetic energy. For comparison we also show
these quantities for the simulation O16b (dotted) and O16bM
(dashed). Both simulations have 25% less unsigned flux in the
photosphere. The differences in Sk are very minor. SB is shifted to
the left toward weaker field for the simulation O16b. In contrast

to that, the simulation O16bM (larger domain) is very similar to
the 80 G cases and has an even larger contribution from kG field.
We will discuss kG field concentrations further in Section 3.4.

3.3. Height Dependence

Figure 5 presents how power spectra and PDFs for the
magnetic field strength depend on the vertical position in the
simulation domain (based on run O4a). Here we focus on
three levels that are indicated by different line styles (solid:
−1 Mm depth, dotted: τ = 1, and dashed: τ = 0.01). Panel (a)
presents the kinetic and magnetic energy spectra for the three
levels. They show the same overall behavior with a super-
equipartition regime toward small scales. While the super-
equipartition regime is reached at τ = 1 for scales smaller
than 100 km, it extends to 500 km at τ = 0.01 since the
kinetic energy drops more rapidly than the magnetic energy
above the photosphere (short density scale height). The super-
equipartition regime also extends to moderately larger scales
beneath the photosphere, since the overall scale of convective
motions increases with the increasing scale height, although
the difference is small between τ = 1 and 1 Mm deeper. The
black dotted, dashed, and dashed-dotted lines indicate power-
law slopes of −1.4, −2.2, and −2.7, respectively. While we do
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Small-Scale Flux Emergence Observed Using Hinode/SOT 27

Figure 11 Log-log plot of the
frequency of emergence against
the emergence event fluxes. The
power law fit, Nall(!) against !
(dot-dashed line), has an index of
α = 2.69. Along with the
distributions from this paper,
results from the following papers
are plotted: HHM75 (Harvey,
Harvey, and Martin, 1975), H93
(Harvey, 1993), HZ93 (Harvey
and Zwaan, 1993), T00 (Title,
2000), C01 (Chae et al., 2001),
HJH01 (Hagenaar, 2001), HST03
(Hagenaar, Schrijver, and Title,
2003), HDS08 (Hagenaar,
DeRosa, and Schrijver, 2008).

Table 3 Frequency of emergence and mean flux per emergence for ephemeral regions and active regions
from various authors: HHM75 (Harvey, Harvey, and Martin, 1975), H93 (Harvey, 1993), HZ93 (Harvey
and Zwaan, 1993), T00 (Title, 2000), C01 (Chae et al., 2001), HJH01 (Hagenaar, 2001), HST03 (Hagenaar,
Schrijver, and Title, 2003), HDS08 (Hagenaar, DeRosa, and Schrijver, 2008). ∗These results were not directly
given in the paper, but have been determined from the presented results. †The active region results.

Paper Instrument Cadence Mean emerging Frequency

event flux of emergence

(×1018 Mx) (×10−21 cm−2 day−1)

HHM75 KP/NSO fd 2 – 6 h 100 2.95 – 6.08∗

H93 KP/NSO fd 24 h 30 14.3∗

T00 MDI hr 1 min 13 88.7∗

C01 BBSO hr 2.5 min 28.9 169.5∗

HJH01 MDI fd 96 min 11.3 722.8∗

HST03 MDI fd 96 min 10.3∗ 198.3 – 390

HDS08 MDI fd 5 min 9.6∗ 1200 – 1610
†HZ93 KP/NSO fd 24 h 13413∗ 0.16 – 1640∗ ×10−5

not only theirs, but also results from other papers (listed in Table 3). Here, we see that the
emerged fluxes follow the same distribution over nearly seven orders of magnitude in flux
and nearly 18 orders of magnitude in frequency. A fit to the data reveals that the distribution
of emerging event fluxes (dot-dashed line in Figure 11) is given by

dNall(!)

d!
= n0

!0

(
!

!0

)−α

, (1)

where !0 = 1016 Mx, −α = −2.69 is the power law index and n0 = 3.14×10−14 cm−2 day−1

is the total density of emerging events.
This power-law fit was computed using the following data sets: Hagenaar, Schrijver, and

Title (2003), Harvey and Zwaan (1993), the downhill Bipole Comparison results and the
downhill Tracked Bipolar results (above 4 × 1016 Mx). We only include these sets of results
as they are all distributions over a (large) range of fluxes. The other results involve just single

Rempel(2014)
Thornton  &  Parnell(2014)



the visible and IR nor introduce unacceptable 
risk.

In the Spectro-polarimeter, an alternative option 
is to have three cameras at the spectral focus 
to observe the three spectral lines simultane-
ously, instead of one camera. The three- camera 
FRQ¿JXUDWLRQ�KDV�D�VLJQL¿FDQW�DGYDQWDJH�VLQFH�
simultaneous observation of three different 
OLQHV� SURYLGHV� PXFK� ¿UP� GLDJQRVWLFV� IRU� WKH�
rapidly changing 3D solar atmosphere and since 
the moving mechanisms to switch the wave-
length can be eliminated. Mass, power and cost 
resources and the data-handling system are 
issues currently under study. 

EUV/FUV High-Throughput Spectroscopic 
Telescope (EUVST)
(8967¶V� UROH� LQ� DFKLHYLQJ� WKH� VFLHQFH� JRDOV�
is to detect energy release and follow energy 
transfer throughout the entire outer atmosphere.  
(8967�ZLOO�REVHUYH�ÀRZV�DQG�KHDWLQJ�HYHQWV�
through a carefully-chosen set of emission lines 
representing atmospheric layers from the top of 
the chromosphere into the transition region and 
corona, including ubiquitous sporadic heating 
due to magnetic reconnection, propagation of 
ZDYHV�DQG�SXOVHV�DQG�WKHLU�GLVVLSDWLRQ��(8967�

will generate maps of temperature, density, and 
velocity (Doppler and non-thermal motions) for 
all temperatures from about 20,000 K to about 
20 MK with high spatial, spectral, and temporal 
UHVROXWLRQ�� 7DEOH� �� JLYHV� WKH� PRGHO� VSHFL¿FD-
WLRQV�IRU�WKH�SHUIRUPDQFH�RI�(8967�

(8967� WKURXJKSXW� LV� JHQHUDOO\� DQ� RUGHU�
of-magnitude higher than the throughput of 
Hinode�(,6� DV�ZHOO� DV�SOHO�680(5� IRU� WKH�
same pixel size (Figure 18). Its wavelength 
FRYHUDJH�LV�D�SRZHUIXO�FRPELQDWLRQ�RI�(,6�DQG�
680(5�ZDYHEDQGV��,WV�VSDWLDO�UHVROXWLRQ�LV�WKH�
highest ever achieved by a solar spectrograph 
RSHUDWLQJ� LQ� WKH� (89�)89� UDQJH�� 7KH� SKH-
QRPHQD� WKDW� ZLOO� EH� REVHUYHG� E\� (8967� DUH�
extremely dynamic, so high cadence observa-
tions are essential for tracking the dynamics of 
coronal activity between the transition region 
and upper chromosphere: a task never before 
possible with solar spectroscopic instrumenta-
tion. For example, many chromospheric ‘type-
,,¶�VSLFXOHV�IRUP�UDSLGO\��KDYH�OLIHWLPHV�RI����V�
to 150 s, and seem to be quickly heated to tran-
sition region and higher temperatures. Dynamic 
changes of structures must be measured to 
achieve an understanding of the physics of these 
phenomena. Thus, typical exposure times are 
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ひので：  「0.3”」    →  Solar-‐‑‒C：「0.1”」

Solar-‐‑‒C  Mission  Proposalより

1.  ローカル構造への重要性
  -‐‑‒  磁場-‐‑‒対流流間のエネルギーやりとり

2.  グローバル構造への重要性
  -‐‑‒  対流流による磁場輸送



J. O. Stenflo: Collapsed and uncollapsed magnetic flux on the quiet Sun

Fig. 11. Histograms with logarithmic binning of flux tube sizes, derived
from the established statistical relations between Stokes V , intrinsic
field strengths, flux densities, and the relative abundances of the col-
lapsed and uncollapsed flux populations. The solid and dashed curves
are based on two different extrapolations of the relative abundance of
the uncollapsed flux population in the limit of small flux densities, as
described in the text.

gives much more weight to the collapsed population in the limit
of small flux densities, which corresponds to small sizes, it has
the effect of pushing the whole distribution towards the smaller
sizes, although the shift is not that dramatic and is smaller than
the width of the distributions. The maximum of the solid curve
is at about 50 km, the dashed curve at 26 km. Due to the differ-
ent choices of rw for the two curves their area normalizations
become different, so when using a common amplitude normal-
ization the two curves appear different for all sizes. However,
the relative shapes of the two curves are in fact nearly identi-
cal for df > 60 km, the region that corresponds to a common rw
function.

From these histograms we see that the great majority of flux
tubes have sizes in the range 10–70 km. This however does not
imply that all of them have kG field strengths. As we have seen
from Eqs. (4) and (5) and the accompanying discussion, we can
for each observed V statistically associate (for the collapsed pop-
ulation) an intrinsic field strength Bf and a flux tube size df . The
resulting plot of Bf vs. df is shown in Fig. 12. The field strength
drops from about 1600 to about 850 G as we go from flux tube
size 150 down to 50 km. We are presently not able to continue
this relation down to still smaller scales, since these scales cor-
respond to Stokes V amplitudes that are too small (<0.5%) for a
reliable determination of the V line ratio, which is the basis for
the determination of Bf . The slope of the Bf–df relation in Fig. 12
indicates that the intrinsic field strength will quickly drop down
in the hG (hectogauss) domain as we move down in size below
50 km, so that when one reaches the 10 km scale the distinction
between intrinsically strong and weak fields will no more be well
defined.

5.2. Physical interpretation

Although our use of the term “collapsed flux” does not necessar-
ily imply that the bundled, strong-field flux elements are formed
by the mechanism of convective collapse (Parker 1978; Spruit
1979; Spruit & Zweibel 1979; Unno & Ando 1979), this mecha-
nism remains the favored one, since it provides a way for the flux

Fig. 12. Statistical relation for the intrinsic field strength Bf of the flux
tubes as a function of their sizes df . Below a scale of 50 km the relation
cannot presently be determined because the corresponding Stokes V
line ratio becomes noise dominated.

to spontaneously and quickly end up in flux bundles with a rather
well-defined field strength, when the internal magnetic pressure
of the largely evacuated interior balances the well-defined exter-
nal gas pressure. This instability is most efficient in the domain
where the superadiabatic gradient is large and the collapsing re-
gion of predominantly vertical flux is optically thick in the hori-
zontal direction. The reason is that the instability is driven by the
process of adiabatic cooling. An initially weak downdraft inside
the flux region establishes an internal adiabatic temperature gra-
dient if the flow is thermally shielded from the surroundings on
the time scale of the flow, which is the case if the photon mean
free path in the horizontal direction is much smaller than the
flux region itself (criterion of optical thickness). Since the out-
side temperature gradient is superadiabatic the flow generates a
temperature deficit inside the flux region (at equal geometrical
depth) plus a partial evacuation (reduction of the gas density),
which both lead to a pressure deficit and therefore a collapse
with an amplification of the downflow. The instability saturates
when an inside magnetic pressure has been produced that can,
together with the remaining internal gas pressure, balance the
external gas pressure and thereby stop further collapse.

In Fig. 13 we have used the atmospheric model of Maltby
et al. (1986) and convection zone model of Spruit (1977) to de-
rive how the photon mean free path (in the continuum at 5000 Å)
and superadiabatic gradient (difference between the magnitudes
of the actual logarithmic temperature gradient and the corre-
sponding adiabatic temperature gradient) vary with height in the
atmosphere and immediately below. The zero point of the geo-
metrical height scale is where the optical depth in the continuum
at 5000 Å is unity.

We notice in Fig. 13 that the superadiabaticity has a well-
defined peak just below the photosphere, around a height of
−40 km, but rapidly drops to zero as we enter the lower pho-
tosphere. This drop is what marks the end of the convection
zone, since the convective instability requires a finite supera-
diabatic gradient. The solar granulation that we observe in the
photosphere is therefore mainly overshoot from the underlying
convection zone. At the location of the superadiabaticity peak
the photon mean free path is 10 km, but it increases rapidly to
become about 70 km at the point where the convection zone for-
mally ends.

A42, page 11 of 20

ひのでのUnresolved  Flux  Tube
Stenflo  (2011)により、Filling  Factorからひのでの
Unresolved  Flux  Tubeのスケールが⾒見見積もられてい
る。L≦100km程度度のスケール？

Stenflo  (2011)

Filling  Factorのイメージ
f  =  Smag/Stot

⾮非磁気⼤大気
磁気⼤大気
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(a) (b)

(c) (d)

Figure 6. Results from run O2a with a grid spacing of 2 km. (a) Intensity, (b) Bz(τ = 1), (c) intensity patterns magnified for the lower left corner of the domain.
Contour lines indicate the regions with |B| > 1 kG, d) Bz(τ = 1) magnified for the lower left corner.
(A color version of this figure is available in the online journal.)

concentrations in O16bM. We also provide an animation of
Figure 8 in the online material. The animation only shows
simulation O16bM, but otherwise has the same quantities as
presented in Figure 8.

Figure 9 compares the magnetic and kinetic energy spectra
as well as the PDF for simulations O16b and O16bM. Here we
compare time averages of snapshots with values of ⟨|Bz|⟩ from
55 to 65 G. In the larger domain, the magnetic power spectrum
extends toward larger scales, while the kinetic energy spectrum
continues to fall off. We see an increase of magnetic power on

scales larger than about 300 km, while there is no significant
change on smaller scales.

The PDF for |Bx | remains mostly unchanged, while the
PDF for |Bz| shows a significant increase toward the kG fields
in O16bM. This changes the filling factor of the kG field
from 0.16% in O16b to 0.4% in O16bM. Computing the distri-
bution of energy from the vertical magnetic field, PDF(|Bz|) B2

z ,
leads to a plateau toward 1700 G in O16bM that is not present in
the smaller domain. We only find the plateau in the contribution
from Bz. In terms of the fraction of the total magnetic energy
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(a) (b) (c)

Figure 3. (a) Resolution dependence of magnetic (red) and kinetic (blue) energy power spectra comparing simulations O32a–O2a. All the simulations reached about
80 G vertical mean field strength at τ = 1, and the grid spacing was varied from 32 to 2 km. The dotted line in panel (a) indicates a Kolmogorov slope of −5/3. (b)
Ratio of magnetic to kinetic energy as function of resolution. For grid spacings smaller than 16 km the magnetic energy is in super-equipartition on scales smaller
than about 100 km. For the highest resolution cases (4 and 2 km) we see some indication that the ratio might reach asymptotically a value around 2. (c) Resolution
dependence of the probability distribution function for |Bx | and |Bz|.
(A color version of this figure is available in the online journal.)

(a) (b)

Figure 4. (a) Normalized integrated magnetic energy spectra from Figure 3. For the highest resolution case (grid spacing of 2 km) 50% of the magnetic energy found
at the τ = 1 surface is present on scales smaller than 100 km. (b) Normalized integrated magnetic energy distribution functions. 50% of the magnetic energy on
the τ = 1 surface is found in fields with less than 500 G strength. Solid lines correspond to the O32a–O2a simulations with ⟨|Bz|⟩ = 80 G, dashed (dotted) lines
correspond to the O16b and O16bM simulations with ⟨|Bz|⟩ = 60 G.
(A color version of this figure is available in the online journal.)

(solid lines). The quantities shown are defined as

Sk =
∫ k

0 EM (k)dk
∫ kmax

0 EM (k)dk
(19)

SB =
∫ B

0 PDF(B)B2dB
∫ Bmax

0 PDF(B)B2dB
. (20)

The quantity Sk shows resolution dependence as expected from
Figure 3(a)). In the highest resolution case about 50% of the
magnetic energy in the photosphere on the τ = 1 level is
found on scales smaller than about 100 km. Properly resolving
the spectral magnetic energy distribution in the photosphere
requires grid spacings of 8 km or smaller. In contrast to this
the quantity, SB shows only little resolution dependence. In all
cases, 50% of the magnetic energy is found in regions with
|B| of less than 500 G. The Kilo-Gauss field contributes about
10% to the total magnetic energy. For comparison we also show
these quantities for the simulation O16b (dotted) and O16bM
(dashed). Both simulations have 25% less unsigned flux in the
photosphere. The differences in Sk are very minor. SB is shifted to
the left toward weaker field for the simulation O16b. In contrast

to that, the simulation O16bM (larger domain) is very similar to
the 80 G cases and has an even larger contribution from kG field.
We will discuss kG field concentrations further in Section 3.4.

3.3. Height Dependence

Figure 5 presents how power spectra and PDFs for the
magnetic field strength depend on the vertical position in the
simulation domain (based on run O4a). Here we focus on
three levels that are indicated by different line styles (solid:
−1 Mm depth, dotted: τ = 1, and dashed: τ = 0.01). Panel (a)
presents the kinetic and magnetic energy spectra for the three
levels. They show the same overall behavior with a super-
equipartition regime toward small scales. While the super-
equipartition regime is reached at τ = 1 for scales smaller
than 100 km, it extends to 500 km at τ = 0.01 since the
kinetic energy drops more rapidly than the magnetic energy
above the photosphere (short density scale height). The super-
equipartition regime also extends to moderately larger scales
beneath the photosphere, since the overall scale of convective
motions increases with the increasing scale height, although
the difference is small between τ = 1 and 1 Mm deeper. The
black dotted, dashed, and dashed-dotted lines indicate power-
law slopes of −1.4, −2.2, and −2.7, respectively. While we do

8

磁場-‐‑‒対流流エネルギーやりとり
⼀一⽅方、Rempel  (2014)のRMHD数値計算によると、静
穏領領域では、10-‐‑‒100kmで異異なる磁場-‐‑‒対流流間のエネル
ギーやりとりが⾒見見えてくる？

Rempel  (2014)



グローバル構造への重要性∂φ(r, t)
∂t

= D∇2φ(r, t) (1)

∂B

∂t
= ∇× [v × B] −∇× [κ(r)∇× B] + S(r, t) (2)

1

対流流による磁場輸送は重要なパラメータのひとつ  
(Leighton,  1965;  Wang+,  1991)

⼦子午⾯面還流流  etc 対流流

⼦子午⾯面還流流
対流流



磁極追跡から迫る
太陽表⾯面上では、磁場は磁極として移流流される。これら
莫⼤大な数の⼩小さな磁極の移流流により、グローバルな輸送
が決まるため、統計的に捉えることが必要。



拡散過程で扱うための必要条件
経過時間と移動距離離の
関係(L2∝t)が必要条件

∂n(x, t)
∂t

= D∇2n(x, t) (1)

∂B

∂t
= ∇× [v × B] −∇× [κ(r)∇× B] + S(r, t) (2)

< x(t) >= 0 (3)

< x(t)2 >= (
t

τ
)δ2 (4)

x(t + τ) = x(t) + δ, x(0) = 0 (5)

n(x, t) =
φ0

(4πDt)1/2
e−x2/4Dt (6)

1

∂n(x, t)
∂t

= D∇2n(x, t) (1)

∂B

∂t
= ∇× [v × B] −∇× [κ(r)∇× B] + S(r, t) (2)

< x(t) >= 0 (3)

< x(t)2 >= (
t

τ
)δ2 (4)

x(t + τ) = x(t) + δ, x(0) = 0 (5)

n(x, t) =
1

(4πDt)1/2
e−x2/4Dt (6)

< x(t)2 >=
∫ ∞

−∞
x2 n(x, t) dx = 2Dt (7)

1

∂n(x, t)
∂t

= D∇2n(x, t) (1)

∂B

∂t
= ∇× [v × B] −∇× [κ(r)∇× B] + S(r, t) (2)

< x(t) >= 0 (3)

< x(t)2 >= (
t

τ
)δ2 (4)

x(t + τ) = x(t) + δ, x(0) = 0 (5)

n(x, t) =
1

(4πDt)1/2
e−x2/4Dt (6)

< x(t)2 >=
∫ ∞

−∞
x2 n(x, t) dx = 2Dt (7)

1
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 2. Tracking 

3. Splitting  
(and Merging) 

t = t0 

t = t1 

t = t2 

t = tc 

tc 

Flux 

tc 

Flux 

4. Cancellation 
(and  Emergence) 

1. Detection

Figure 2.4: Schematic picture of our patch tracking and detection f surface processes.
(1) Detection of patches with a clumping algorithm. (2) Track of patches by examining
overlaps. (3) Detection of merging and splitting by examining overlaps. (4) Detection of
cancellation and emergence by making pairs of flux change events.

chart is as follows: 1. Detection of patches with a clumping algorithm. 2. Track of patches

by examining overlaps. 3. Detection of merging and splitting by examining overlaps. 4.

Detection of cancellation and emergence by making pairs of flux change events.

2.2.1 Preprocessing of Data Sets

We have to convert polarization signal to magnetic field strength in data set 1. The

dark current and the flat field of the CCD camera are calibrated by using the proce-

dure fg_prep.pro included in the SolarSoftWare (SSW) package. We apply the Zeeman

weak-field approximation to obtain the line-of-sight magnetic field strength from the cir-

cular polarization (CP hereafter) signal and it is thought to be applicable to most of

network field (Landi Degl’Innocenti & Landi Degl’Innocenti, 1973; Landi Degl’Innocenti
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Figure 10. Turbulent diffusion coefficient plotted as a function of temporal (left) and spatial (right) scales. Solid lines refer to the NST data shown in Figures 8 and 9
with the same color notations.
(A color version of this figure is available in the online journal.)

Then the diffusion coefficient can be written as

K(τ ) = cγ

4
τ γ−1. (5)

When τ is excluded from Equations (3) and (4), we obtain
a relationship between the diffusion coefficient and a spatial
scale:

K(∆l) = cγ

4
((∆l)2/c)(γ−1)/γ . (6)

Figure 10 (solid lines) plots K(τ ) and K(∆l) calculated
from the three linear fits presented in Figure 8 by means of
Equations (5) and (6). The largest diffusion coefficients are
measured in the CH, while the smallest ones are detected in
the AR plage area, which is in accordance with the strength
of the super-diffusion regime in these areas (magnitude of γ ).
In general, we find that as the temporal and spatial scales
decrease, the diffusion coefficient decreases, too. This holds true
only in the case of super-diffusion: indeed, as it follows from
Equations (5) and (6), for all γ > 1 both K(τ ) and K(∆l) are
monotonically increasing functions. When γ = 1, the diffusion
coefficient is constant at all scales (Brownian motion, or random
walk), while in the case of sub-diffusion (γ < 1), the diffusion
coefficients decrease with increasing scales.

7. SUMMARY AND DISCUSSION

We report the presence of the super-diffusion regime in the
displacement of photospheric BPs measured in a QS area, a
coronal hole, and in an active region plage. Super-diffusion,
measured by the index γ of the squared displacement spectrum,
is weakest in the plage area (γ = 1.48) and strongest in
the coronal hole area (γ = 1.67). The data quality (spatial
resolution, time cadence, alignment) has a direct effect on the
result: the better the data quality the more pronounced the
super-diffusion regime is. The super-diffusion regime was also
detected in the three-dimensional MHD model data of the solar
magneto-convection performed by Stein and coauthors (Stein
et al. 2007).

We obtained an analytical expression for the turbulent diffu-
sion coefficient as a function of scales and γ . For the case of

super-diffusion, the coefficient of turbulent diffusion is directly
proportional to both temporal and spatial scales. At the mini-
mal spatial (22 km) and temporal (10 s) scales considered here
the diffusion coefficient in the CH and QS areas was found to
be 22 and 19 km2 s−1, respectively, whereas in the AR plage
the coefficient was about 12 km2 s−1 for the minimal temporal
scale of 15 s.

We compare our findings to previous studies of the photo-
spheric diffusion in the QS (see Figure 10).

Hagenaar et al. (1999) tracked magnetic elements using Solar
and Heliospheric Observatory (SOHO)/Michelson Doppler
Imager (MDI) high resolution magnetograms and reported a
diffusion coefficient increasing with scale (double lines in the
left panel of Figure 10).

Chae et al. (2008) determined the diffusion coefficient from
observed dynamics of photospheric magnetic fields by solving
the equation of magnetic induction. These authors analyzed
plage and network areas by utilizing SOHO/MDI full disk and
high resolution magnetograms as well as Hinode/Solar Optical
Telescope (SOT) data. They reported the smallest magnitudes
of K, to date, for three spatial scales (double lines in the right
panel of Figure 10). It is worth noting that these three data
points are in a very good agreement with both Kolmogorov and
Iroshnikov–Kraichnan scaling (see Figure 4 in Chae et al. 2008).

Utz et al. (2010) estimated the diffusion coefficient in the
framework of the normal diffusion paradigm, and therefore their
results do not depend on scale (green dots in the left panel of
Figure 10). They reported the value of K = 350 ± 20 km2 s−1

for the time interval of 32–200 s.
Schrijver et al. (1996) reviewed earlier data on the diffusion

coefficient and argued that the reported values, which are around
200 km2 s−1, should be multiplied by a factor of two to three
to account for the high mobility of small (unresolved) magnetic
features that may contribute significantly in the resulting diffu-
sivity. The corrected diffusivity of about 600 km2 s−1 (dashed
lines in Figure 10) is then in a good agreement with the well-
performing model for the magnetic flux transport during a solar
cycle (Wang & Sheeley 1994).

Berger at al. (1998b) analyzed a G-band data set obtained with
SVST on 1995 October 5 (the same data set was utilized later
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グローバル数値計算
からの要請



Network構造が重要

Figure 5.1: A schematic picture of network and intranetwork field in quiet
region. Blue (red) color in background shows upflow (downflow) motion in
supergranule time scale. Green arrows indicate horizontal convective motion.
Intranetwork field is located in the supergranular cell. It is thought to be dis-
turbed by smaller convective motion, namely granular cell and turbulence in
the cell. Network field is a magnetic field swept to the edge of supergranular
cell. The one at the conjunction point has a larger size and is more stable.
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Sub-‐‑‒diffusionの原因：Network  FieldによるTrap?
→  Network  Fieldはどのようにしてできるか？

→  ひので空間分解能でNetwork付近のInternetwork磁極追跡
は難しく、どうやってそこを超えるか謎。

→  ⾒見見える範囲でInternetworkからできる(？)  (Milan+,  2014)



まとめ
Hinodeの⾼高分解能観測により、⼩小さい磁場構造が⾒見見えて
きた。が、決定的な結論論(〜～⼗十分な統計解析からの結論論)を
得るためには、さらなる⾼高分解能のデータが必要である。

・静穏領領域による磁場と対流流相互作⽤用
    -‐‑‒  磁束管構造を分解できるかもしれない。
    〜～  対流流-‐‑‒磁場相互作⽤用エネルギーのピークが⾒見見えるかもし
れない。

・磁極構造とグローバルな輸送。
    -‐‑‒  数を稼ぐことが本質的に重要だが、ひのでの分解能では、
Internetwork磁場を⾃自動追跡することは難しい。  
    〜～  Network  Fieldをどう超えるかから、グローバルな輸送
に迫れるかもしれない。


